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ABSTRACT

We present a model for the origin of blueshifted, optical forbidden line emission and jets in young stellar
objects based on generic properties of hydromagnetic disk winds. Magnetic stresses recollimate hydromagnetic
disk winds to magnetic focal regions under very general conditions. We demonstrate that conditions in MHD
shocks at these points account for the observed emission. We find that for fiducial accretion rates of 1077 M
yr~! and magnetic fields at the inner edge of the disk (~10'2) cm, gas accelerated from the innermost parts of
a Keplerian accretion disk focuses into regions > 0.4 AU in radius that lie ~16 AU above and below the
disk. The shocked gas density ranges from ~10* to 10® cm ™3 where the latter occurs in the innermost part of
the flow and shock. Shocked gas speeds range up to 250 km s~ ! (going from the outer part of the shock at
~2 AU, to the innermost region) under these conditions. The magnetic field is moderately amplified in the
shock and diverges from the flow axis in the postshock flow. It is this feature of MHD shock that produces an
expanding cone of shocked gas. The opening angle of the postshock gas with respect to the flow axis is 40°,
and this accounts for the double-peaked character of the line profiles. Our model also predicts that the slower
velocity component is associated with shocked gas of lower density than that associated with the higher veloc-
ity component. We show that the wind is largely neutral with an electron fraction of 10™*. The wind remains
largely neutral in adiabatic MHD shocks because much of the preshock kinetic energy goes into an increased

postshock magnetic field. Substantial fractions of the flow energy can be liberated in these shocks.
Subject headings: accretion, accretion disks — shock waves — stars: emission-line, Be — stars: mass loss —

stars: pre—main-sequence

1. INTRODUCTION

Bipolar molecular outflows appear to be the earliest signa-
ture of star formation. It has become clear that most, if not all,
low-mass stars undergo this outflow phase and that the flow
lifetimes are typically of order 2 x 10° yr (Parker, Padman, &
Scott 1991). Manifestations of outflow are observed on a wide
range of spatial scales down to those ~100 AU characterizing
the optical forbidden line emission ([O 1], [S 1], [N 11]) region
(FLER) (Jankovics, Appenzeller, & Krautter 1983; Edwards et
al. 1987). Observations by Edwards et al. (1987) and Cabrit et
al. (1990) have shown that forbidden line emission is strongly
correlated with infrared excess which they interpret as a corre-
lation with the presence of circumstellar accretion disks.
Another observational clue that suggests that bipolar outflows
originate from accretion disks and not their central stars comes
from the detailed studies of line profiles of Li 1, Fe 1, Fe 11, and
Ti 1 line profiles in FU Ori systems (Calvet, Hartmann, &
Kenyon 1993). Wind originating from the innermost part of a
Keplerian disk rotates much more quickly than that from the
more distant regions. The resulting differential behavior of the
line profiles (strong lines from the innermost parts of the disk
are more asymmetric than weaker line emission from the outer
parts) predicted by disk wind theory is successful in accounting
for these trends. Stellar winds do not readily account for such
observations. The idea that bipolar outflows and molecular
disks are dynamically coupled was proposed in early theoreti-
cal models of hydromagnetic disk winds (Pudritz & Norman
1983; Pudritz 1985).
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Theoretical hydrodynamic models for the forbidden line
emission from young stellar objects (YSOs) emphasize oblique
shocks because low-excitation lines are observed in high-
velocity postshock gas. Hartmann & Raymond (1988) were
able to find reasonable fits to the observed line profiles by
assuming that a stellar wind shocks with a surrounding, flaring
disk. In such a theory, one would anticipate that the forbidden
line emission would lie in the plane of the disk if one could
resolve it. Given the increasingly direct observational support
for the existence of disk winds, do FLERs also have an expla-
nation in the context of disk wind theory?

In this paper we show that line formation in recollimating
hydromagnetic disk winds is a direct consequence of disk wind
theory. The central reason why such behavior is expected is
because of the generic ability of magnetic tension from the
toroidal magnetic field in hydromagnetic disk winds to colli-
mate the flow and under the right conditions to recollimate it
toward the axis (Blandford & Payne 1982, hereafter BP; Pelle-
tier & Pudritz 1992, hereafter PP). The transverse recollima-
tion of flow will produce oblique shocks (e.g., Achterberg,
Blandford, & Goldreich 1983), and we show that forbidden line
emission and optical jets naturally arise at these focal points.
The line emission should be observed to be produced from
small regions symmetrically placed along the flow axis, above
and below the accretion disk. Since the source of the outflow is
the accretion disk we emphasize that the evolution of the flow
should be intrinsically coupled to the evolution of the disk.

We summarize the observed characteristics of T Tauri emis-
sion lines by the direct approach of using the infrared color-
color diagram, (H—K, K—L) (§ 2). We state the analytical
results of disk wind theory of PP that we require for this work
in § 3. We then use simple MHD shock jump conditions at the
magnetic focal points to calculate the typical conditions of the
shocked flow there (§ 4) and show that the emission from the
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shocked gas readily accounts for the forbidden line emission
(§ 5. We briefly discuss links between forbidden line pro-
duction, disk winds, and the observed properties of disks (§ 6).
A preliminary account of this work appears in Pudritz, Pelle-
tier, & Gomez de Castro (1991).

2. WIND DIAGNOSTICS: THE INFRARED COLOR DIAGRAM

We use a H—K, K—L diagram to plot the relationship
between observed wind indicators and infrared excess in the T
Tauri stars (TTSs). This is essentially an HR diagram
(luminosity versus effective temperature) where the character-
istics of the dust envelope surrounding the post-main-
sequence (PMS) stars is given the largest weight. We use this
diagram because the large differences among the TTSs in the
various mass-loss and accretion indicators (such as emission-
line strength, veiling, UV excess, etc.) show up very well. Since
the infrared spectra of YSOs evolve systematically (e.g., Lada
1991), an obvious approach is to look for correlations of physi-
cal properties in an infrared color-color diagram. The choice of
the H—K, K—L colors is a compromise between selecting a
stellar contribtion that is as small as possible, and having a
large enough data set available.

We have selected for our data set all TTSs in Taurus since
they comprise the best-studied sample of low-mass protostars
associated with a single star-forming region. We have not cor-
rected the colors for interstellar extinction since the region is
nearby, d ~ 140 pc, and the interstellar extinction in this direc-
tion is very small. The TTSs have been divided into two cate-
gories based upon the presence of [O 1] 16300 emission and of
photospheric features by Cohen, Emerson, & Beichman (1989).
A third obvious group of TTSs, are the so-called Weak TTS
(WTTSs). These have weak Ha emission and strong chromo-
spheric activity. Summarizing the data:

1. Strong [O 1] emission and continuum stars,

2. Faint [O 1] emission and normal TTSs, and

3. LkCa n stars and X-ray sources.

In Figure 1 we plot all members of the above categories that
have published infrared colors (TTSs: from Rydgren, Strom, &
Strom 1976, Cohen & Kuhi 1979, and Elias 1978; LkCa 11
stars: Herbig, Vrba, & Rydgren 1986; and X-ray sources:
Walter et al. 1988). Figure 1 has not been corrected for extinc-
tion since this is very small. The values of A, in the stars
located in regions B and C are smaller than 1 mag (Strom et al.
1990; Cabrit et al. 1990), which implies excesses in H—K and
K—L of ~0.06 mag. This accounts for the intermingling of
sources at the boundaries in Figure 1.

A striking sequence is observed in this figure. Sources
marked by filled circles belong to type I and are concentrated
in the upper right corner of the diagram (region A) and are
therefore highly embedded. Sources marked with open circles
belong to type II, and these appear in the center of the diagram
(region B) with little overlap with type I sources. Finally, type
IIT sources (denoted by asterisks and crosses) are found prefer-
entially in the lower left-hand corner (region C) and do not
overlap with type II sources. Thus, as one moves from type I to
III, both H— K and K — L colors become bluer, that is, there is
an extremely good correlation with infrared excess. A second
striking aspect of the diagram is that all TTSs in the Taurus
cloud that have associated HH objects, jets, or forbidden line
emission regions >2" (>320 AU at distance of Taurus) are
located in region A of our diagram and are designated by filled
squares (see Table 2 in Appenzeller & Mundt 1989).

In Figure 2 we quantify this trend by plotting the infrared
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Fi6. 1.—H —K, K — L diagram of the PMS sources in Taurus. The diagram
is divided in three regions depending on the color excesses of the sources.
Filled circles represent strong emission line (type I) sources. Filled squares are
sources with well-studied optical jets. Open circles are weak emission-line
sources (type II). Asterisks and crosses are the X-ray and LkCa 11 sources (type
III), respectively.

colors of stars with measured [O 1] and Ha equivalent widths,
respectively (data from Cohen & Kuhi 1979; Cabrit et al. 1990;
Strom et al. 1990). The filled circles in Figure 2a represent stars
with equivalent widths W([O 1]) > 1.0 A while the open circles
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FiG. 2—a) H—K, K—L diagram of those PMS sources in Taurus
with measured [O 1] emission. Filled and open circles represent stars with
W([O1]) > 1.0 A and W([O1]) < 1.0 A, respectively; (b) H — K, K — L diagram
of those PMS sources in Taurus with measured Ho emission. Filled and open
circles represent stars with W(Ha) > 50 A and W(Ha) < 50 A, respectively.
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have W([O 1]) less than this value. In Figure 2b the filled circles
represent all objects with W(Ha) > 50 A while the open circles
have W(Ho) less than this value. The stars in region C have
W(Ha) < 5.0 A.

If outflows are hydromagnetic stellar winds, then there
should be a strong correlation between wind diagnostics and
stellar rotation. In order to check this, we compiled the data of
Hartmann et al. (1986) and Hartmann & Stauffer (1989) who
measured the rotational velocities for a large number of PMS
stars in Taurus. We divide these data into three groups with
vsini < 15;15 < wvsini < 20,and vsini > 20 km s~ ! and plot
them in the color-color diagram (Fig. 3). It is clear that there is
no correlation of stellar v sin i with infrared color. Thus for any
color K—L in our diagram, we can find both quickly and
slowly rotating stars.

It is a difficult task to measure the rotation speed of the more
deeply embedded objects. The most exotic sources, such as
those that have fully developed optical jets, are also the most
deeply embedded systems as is seen in Figure 1. Nonetheless,
good measurements exist for the rotation of the underlying
stars even for some of these systems. Thus, two of the TTSs
with associated optical jets in Figure 1, T Tau and DG Tau,
have measured v sin i values of 20.1 + 1.5 and 21.7 4+ 6.3 km
s~1, respectively. On the other hand, a star such as FP Tau
that is on the boundary of regions B and C in Figure 1 has a
high measured vsiniof 26.6 + 1.6 kms™*.

It is clear from these two figures that while the rotation
speeds of the underlying TTSs are completely uncorrelated
with near-infrared colors, emission-line properties are very well
correlated. It is therefore highly unlikely that stellar rotation
has much to do with the production of the forbidden line
regions in TTSs. The same conclusions pertain for boundary
layer winds, since for these to be effective, rotation rates must
be near “breakup.” Since line emission is produced in shocks
associated with outflow, a more natural explanation is that
wind from surrounding disks accounts for the correlations
found in Figure 1. The task is to delineate a general reason for
the presence of shocks in such winds and why these might
correlate with near-infrared color. We first examine the generic

_l T !—rl 17T [I‘I_FT—[_I T I_
C ]
15 -
C * ]
N L ° 4
x 1 A
L & © o) |
i . ¥ S, ]
0.5 o * o} * ~
- * * * -
= [ o * i
- ° * * .
O '4;1 L1 ‘*1 L1 ’ L1 :LI L1 IJ;
0 0.5 1 1.5 2
K-L

Fi16. 3—H —K, K—L diagram of those PMS sources in Taurus with
measured v sin i. Asterisks denote v sin i < 15 km s~ !, open circles 15 <
vsini < 20km s~ !, and filled circles v sini > 20km s~ ..
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features of hydromagnetic disk winds that are important for
understanding the origin of shocks.

3. HYDROMAGNETIC DISK WINDS

It is now well established that accretion disks threaded by
open magnetic field lines of sufficient strength can drive
coronal gas from the disk to form high-speed jets and bipolar
outflows (BP; Pudritz 1985; Konigl 1989; PP). The outflows
are driven by the component of centrifugal force upon a rotat-
ing gas particle that is directed parallel to the magnetic field
line it finds itself upon.

A second fundamental attribute of the hydromagnetic flows
from disks is that the wind mass-loss rate must necessarily be
related to the accretion rate through the underlying disk because
it is the wind that carries off the disk material’s angular
momentum. Since the magnetic fields that thread a disk force
the corotation of accelerating particles out to large distances
ra, the wind mass-loss rate can be tiny compared to the disk
accretion flow that it helps to sustain.

The outflows as we have seen are necessarily highly super-
sonic, but they are also highly super-Alfvénic. Rotating hydro-
magnetic outflows develop strong toroidal magnetic fields far
from the base of the wind. It is accordingly convenient to
divide the total magnetic field of the wind into toroidal and
poloidal components, B = B, + B,. The rotational velocity of
the flow is only a small fraction of the poloidal (i.e., bipolar)
component of the outflow.

A third important important feature of rotating hydro-
magnetic flows is that they self-collimate. The ever-increasing
toroidal field in the outflow (B,) implies that the pinching
J, x B, force must become significant as well. Detailed calcu-
lations (BP; PP; Heyvaerts & Norman 1989) show that this
force overcomes the magnetic and gas pressure of the jet, as
well as the centrifugal stress of the rotating gas and collimates
the flow far from the disk.

For a gas parcel that begins its outflow on a field line that
threads the disk at the cylindrical radius r, in the corona near
the disk surface, then the Alfvén point on that field line occurs
at a cylindrical distance r,(r,) from the axis. The significance of
the Alfvén surface is that the flow reaches the Alfvén speed in
the polidal magnetic field V, , at this point. This Alfvén speed
is one of three characteristic signal speeds in a magnetized gas.
The Alfvén surface has the added significance that beyond it,
the magnetic field can no longer keep an accelerating gas
parcel in strict corotation with the underlying source so that
further acceleration largely ceases.

It will prove convenient in what follows to define a magnetic
Mach number of the hydromagnetic flow as the ratio of the
poloidal speed of the flow to the total Alfvén speed,

v
=—£
n= v,

where v, is the poloidal flow velocity and V, =

(B2 + B,f,)‘i/z/(47zp)1/2 the Alfvén speed in the total magnetic
field of the flow (the Mach number n is often referred to as the
“fast magnetosonic” [FM] number of the flow). For a cold
flow, the fast magnetosonic wave is the last signal that can
communicate back with the source. Beyond the surface where
n =1 (known as the FM surface), the flow moves faster than
the propagation speed of any hydromagnetic wave. It is well
known that it is in this regime that the field becomes strongly
toroidal, and it begins to collimate.
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The bulk of this section briefly summarizes the basics of
hydromagnetic disk wind theory required for our analysis; the
reader may consult PP for the details.

3.1. Flow Energetics and Collimation

In all that follows the flow is assumed to be axisymmetric,
and hence cylindrical coordinates are used throughout. The
magnetic field lines and the streamlines of the flow are con-
tained in surfaces of constant magnetic flux a = const. The
poloidal component of the total field (everything that isn’t
toroidal) is derived from this scalar potential. A number of
physical quantities are conserved for the component of the
flow that is parallel to surfaces of constant flux such as the
mass, angular momentum per unit mass /(a), and total energy
per unit mass E(a). The latter is just Bernoulli’s theorem for
flow along streamlines. A simple consequence of the Bernoulli
equation is that the terminal speed of the wind along any flux
surface is

3.1)

A complete theory of hydromagnetic flow also requires force
balance in directions that are normal to any given magnetic
surface from point to point in the flow. This condition gener-
ates a differential equation for the potential a, which is known
as the Grad-Shafranov (G-S) equation. An important function
Ma) appears in the G-S equation which governs the overall
geoemetry of the outflow and which is nearly constant
throughout the flow. Analytic solutions for flows can be found
when 4 = const (PP).

VUpoo = 2'2Qx 1, .

3.2. Two-dimensional Disk Wind: Basic Parameters

Hydromagnetic winds originate near the surface of
Keplerian (sufficiently close to the central star) accretion disks.
In addition to the usual requirements of force balance (G-S)
and energy conservation (Bernoulli) within the wind, the
boundary condition is imposed that the wind carry off the disk
angular momentum from each disk radius so that a steady
mass accretion rate M, is maintained within the disk.

In all generality BP and PP find that axisymmetric disk
winds are governed by two parameters € and 4 which measure
the strength of the magnetic field threading the disk through
some fiducial inner radius of the disk, r;, and the angular
momentum of the flow, respectively. For hydromagnetic winds
from accretion disks around YSOs, the former is

1/2

_ M,,Qi_ m,my,
T 3r,B2 T bA(r/10'2 cm)/?

where PP assumed a fiducial inner disk radius of r; of 10*? cm
around a star of mass m (measured in units of a solar mass
M), that the magnetic field strength b; at the inner edge of the
disk is measured in units of 10 G and that the disk accretion
rate ri, is measured in units of 10~7 Mo yr %,

We emphasize that the energy density in the magnetic field of
the disk never exceeds that of the thermal energy density. If we
take the parameters of the boundary layer for disks calculated
by Bertout, Basri, & Bouvier (1988), for example, then a field
that is in equipartition with the gas pressure in the boundary
layer is of order 500 G. In this case our parameter ; still lies in
the range 0.1-1.0. We also note that for the PP solutions,
€; oc ril?,

The innermost radius of the disk from which wind can be
driven is taken to be 0.1 AU since such stars may have strong
surface magnetic fields that prevent a disk from reaching the

(3.2)

€;
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stellar surface. T Tauri stars have typical radii of R, ~4 R,
and strong stellar fields of perhaps 10®° G can terminate the
disk at an innermost radius (the magnetopause) of R, ~
5R, = r;(Bertout et al. 1988; Konigl 1991).

Magnetic flux surfaces in the outflow are labeled by the
value of a that they have. This value is most easily assigned at
each radius r, where each flux surface cuts the accretion disk.
A natural choice is the power-law distribution on the disk,

a l/’ = (ro/re)3/2a > (33)

where  is the dimensionless poloidal flux. The choice (3.3) is
quite general; the self-similar (BP) model is for « = 2 and by
varying, o, a wide variety of non—self-similar flows can be gen-
erated.

3.3. Alfvén Surface
The solution for the Alfvén surface is

12
') _ (o) 2 e o ppr-i |
€

0

(3.4)

where f, is a function of the index « and is of order unity.
Notice that for a« = 2, r,/r, = const, and therefore the flow is
self-similar (BP). For more general flux distributions, however,
the shape of the Alfvén surface is not a cone.

A second important aspect of this solution is the scaling of
the Alfvén surface with the control parameters of the problem.
From equations (3.2) and (3.4) we see that r,/r, oc (B*/M).
Thus, if the disk field weakens, the Alfvén surface is strongly
affected and moves closer to the axis of the outflow thereby
reducing the lever arm of the flow. However, a decrease in the
disk accretion rate M, with time would lead to an increase in
the lever arm (since the flow would have to carry off more disk
angular momentum).

3.4. Terminal Speed of the Flow

The terminal speed along any field line in the flow is
212Q), (a)r o(a) which, knowing the Alfvén surface, gives

1/2

A -
Uy = 20 Sy T YT P07 (35)

b,
For self-similar flows (x = 2), the terminal speed of the flow
originating at a position r, on the disk scales as the Keplerian
speed, v, oc vk(ro) (as in BP). Disk winds have the property
that a wide range of terminal speeds of material in the wind is
achieved depending upon where in the disk corona the flow
started. As an example, for « = 3 flows from Keplerian disks,
material accelerated from 0.1 AU on the disk achieves terminal
speeds 10 times larger than gas that is accelerated from 1 AU.
We note that the terminal speed scales as

Vp.w  B2/M,, (3.6)

so that a drop in the disk magnetic field with time implies a
decrease in the disk wind speed. This is true because the Alfvén
surface has moved closer to the flow axis reducing the lever
arm as discussed above. Conversely, a decrease in the accretion
rate leads to a higher outflow velocity since the lever arm
would then have increased.

3.5. Mechanical Luminosity of the Wind
The total mechanical luminosity of the flow is

M (5]
2 r; To

(3.7
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This result shows if there is no dissipation of the gravitational
binding energy within the disk, the flow can extract up to half
the total gravitational binding energy that can be released in
the accretion process in the form of mechanical energy of the
wind. A hydromagnetic wind is an excellent extractor of gravi-
tational binding energy released in the disk accretion flow. The
result says that L,,/L, ~ const if the bolometric luminosity is
largely due to accretion flow. Even if realistic dissipative effects
are included, such as heating due to ambipolar diffusion of the
disk field, the wind still extracts more than 90% of the gravita-
tional binding energy (Konigl 1989).

The total mechanical luminosity of the winds with our
choice of mass-loss rates and inner disk radii is then

L, =216 x 10~ i (M /Moy * Lo ,

where r; ~ ry; = (R,,/0.1 AU). Note however, that the observed
optical luminosity of jets is

Loptica = 107" to 10? L

(Appenzeller & Mundt 1989). Thus the observed optical
properties of jets can be accounted for if about 10% of the
mechanical jet power is converted to radiation through shocks
(the exact fraction depends upon the accretion rate which is
observationally not very well determined).

3.6. Fixing the Free Parameters

It is generally expected that outflows achieve a minimum
energy configuration. This state implies that the toroidal field
in the outflow scales as B, oc r~!. There is correspondingly a
unique distribution of magnetic field across the accretion disk
that can produce this minimal energy outflow, namely, « = 3. In
this case, the magnetic field distribution across the accretion
disk scales as B(r,) oc o */2. This physical constraint is used to
fix all the expressions for the terminal speed. Alfvén surface,
etc., in the previous sections. It is important to realize that,
unlike BP, this disk wind is non—self-similar.

The two free parameters of the theory are fixed by imposing
the physical constraint that the disk wind be the driver of larger
scale bipolar CO outflow. From this constraint, PP deduced the
fiducial values

€=024; AV?*=317,

where we adopt the value of ¢; derived from equation (3.2).
However, the optical jet data (see § 3.8) suggests that there is a
range of values of A, with the smallest value being about
A2 =2.20. Adopting this choice, our two disk wind param-
eters are fixed. The only free parameter left to adjust in this
problem arises from the shocks, to which we turn later.

3.7. Physical Quantities of the Flow

The “lever ” arm in centrifugally driven winds is the ratio of
the Alfvén radius of the flow r,(r,) to the disk radius at which a
particular field line threads the disk (r,), or

ra(ro) A2 T 1z
= =3, — . 38
o 05<9.17e,- To 38

This value for the lever arm for flow from the inner part of the
disk is consistent with the value derived by Kenyon & Hart-
mann (1989). Flow originating from a disk radius of r, there-
fore achieves a terminal speed of

v (ro) = 04(ro) = 500(?)(12) km s~ ! (3.9)
(4]

9.17e,
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along the field line. The preshock terminal speed drops to 25
km s~ ! for flow that originates from 2 AU (=20R,,) so that
emission lines are likely only produced from flow that orig-
inated between 0.1 and 2.0 AU on the disk.

The wind mass-loss rate M,, is related to the accretion rate
in the disk (Pudritz 1985). These two rates are related by the
square of the “lever arm ” of the flow that for self-similar solu-
tions gives

M (ro) = 2.71 x 107°(9.17€,/AY2) 1, [(ro/r) — 1] Mo yr7t,
(3.10)

Given that the characteristic radius of the energetic outflow is
(using the result in PP)

b}(r,/10'? cm)®
ST e

2
a

r,=— =~ 174 x 10'3 m, (3.11)

mm

then the total mass-loss rate in the wind, integrating over the
entire strong wind zone on the accretion disk, is

M,(r,) =445 x 1078 Mg yr !

for the stated accretion rate. This fiducial mass-loss rate agrees
with estimates from the forbidden line profiles obtained by
Edwards et al. (1987).

Once sees from equations (3.11) and (3.10) that the fiducial
total mass-loss rate in the wind scales as

M, (r)oc M, ,

so that a decrease in the disk accretion rate is directly related
to a drop in the total mass-loss rate in the wind. It is interesting
that the strength of the disk field is irrelevant for this scaling.

One finds that the density scales as p oc f(if)r ~ % where f'is a
function of the flux that is given in PP. Applying the results in
PP we find that for « = 3, the neutral wind density in the
regime beyond the Alfvén surface is given by

. . \/9.17¢,\?
_ 4 g _Ma [ & -
Ny(ro) x 10 (14/2.3) (0.24>< el >

n 2 -1 r0 2 N
x[(ﬁ;ﬁ) o.54+0.34] (7> cm™3, (3.12)

where p is the reduced mass and where the FM number 7 is
scaled in terms of the critical value (1.80) for recollimating flow
(see § 3.8).

As will be shown in detail in § 5.2, forbidden line emission
implies wind densities not much larger than N; ~ 107 cm ™ > in
the centermost part of the shocked gas. From equation (3.12)
we see that this is consistent if the flow diverges by an amount
(ro/r) ~ 0.20 in going from the disk, and recollimating to the
shock. This divergence is self-consistent if the size of the
shocked gas region is of order the Alfvén radius in size. This is
confirmed by calculating the size of the Alfvén radius for the
innermost part of the outflow, which is (from eq. [3.10])
[ri/ra.{ry] = 0.33.

The wind density is sensitive to the combination of disk
accretion rate and inner disk field strength,

N(ro) oc M3/Bf .

A decrease in the fiducial disk field at constant accretion rate
would lead to a much higher wind density.
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3.8. Focal Points

The general solutions of PP show that flows of high enough
fast magnetosonic (FM) Mach number n > n; recollimate to
the axis at a finite scale height above the accretion disk, while
flows with 1 < n < ny only achieve cylindrical flow. The criti-
cal FM number for recollimation is (for a = 3)

np =~ [(23241/2) — 37112 | (3.13)

For conditions applicable to our disk winds, we find that for
flows characterized by our fiducial model parameters, €; = 0.24
and 1Y% = 2.20, recollimation occurs if the FM Mach number
exceeds n4 ~ 1.80.

The focal length of the flow can be found by noting that the
flow radially converges at the Alfvén speed in the toroidal field
[va.¢ = By/(4np)*/?]. Since poc(ro/r)? and the dominant
toroidal field must scale as B, ocr™ ", the transverse Alfvén
speed is faster for the inner parts of the flow as compared to the
outer parts. Thus, the flow converges at the Alfvén speed in the
transverse direction which scales with the terminal speed of the
flow;

v r
AM = const
Uoo(ro)

(3.14)

(using eq. [3.9]).

The focal length follows from the ratio of v,,/v, 4, Which can
be calculated from the results in PP. We find that the focal
ratio does not depend upon the magnetic flux distributions across
the central accretion disk and just depends upon the FM
number,

2
Zud2 _ Do _ 308 4 2],
" max UA,¢

(3.15)

where a fiducial radius of the flow, r,,, ~ r, ~ 2 AU. Combin-
ing this result with equation (3.14) therefore shows that (1) the
FM number n; is a constant of the flow, and (2) the focal
distance is constant as is the angle between the converging field
lines and the flow axis 0,. For the fiducial parameter values
discussed previously (n, ~ 1.8), the focal distance is approx-
imately zgo, = 7.97 ., = 16 AU.

The field lines in the preshock gas converge toward the focal
point and make an angle of

0, = tan " (2rpa/ze) ~ 1422 (3.16)

with respect to the flow axis (we have used the fiducial param-
eters in evaluating eq. [3.16]).

Observational constraints on the distance between the two
focal points (where the forbidden lines are formed) are that any
such regions are separated by less than ~160 AU (this corre-
sponds to an angular separation of 170 between two sources
placed at the distance of Taurus; 160 pc) which implies that
Zeoo < 80 AU. It is interesting to note, however, that in many
TTSs, the center of the emission region is offset from the
central source by 071-075 (Solf 1989; Appenzeller & Mundt
1989). From equation (3.15), this corresponds roughly to a
range in FM number m, of 1.8-4.5, or to a range of A'/?
between 2.2 and 8.1. More detailed results require line profile
calculations.

4. SHOCKS AT MAGNETIC FOCAL POINTS

Recollimation shocks occur at a focal radius r,, >~ r,. Thus,
the focal region is at a much smaller radius than the radius of
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the FM surface. The reason is that the agent that is responsible
for the shock is the restoration of Keplerian rotation as the
super-Alfvénic flow narrows. The shock occurs because the
flow cannot narrow any further than r;,, ~ r,. We specifically
prove this in Appendix A.

The toroidal field in the focal (and shock) region is in fact
small compared to the poloidal component, (B,/B,),. < 1.
While it is true that for flow radii larger than the FM surface
(n = 1), the toroidal field is large (in the limit of large Alfvénic
Mach number m > 1, then B,/B, ~ m/n > 1) one knows that
in general the toroidal field is small compared to the poloidal
field component when one is in regions comparable to or
smaller than the Alfvén radius. This point is also proved in
Appendix A.

Mathematically, the convergence of the flow leads to the
appearance of nozzle points in the flow equations. If the pre-
and postnozzle flow conditions cannot be matched, a shock
must arise.

We present an illustration (from Ouyed 1992) of the acceler-
ation and recollimation of a hydromagnetic disk wind with the
consequent formation of a shock in Figure 4. The figure also
includes the shock geometry as used in the following analysis.

4.1. MHD Shock Jump Conditions

Purely hydrodynamic models of the formation of forbidden
line emission in TTSs require that the shock is highly oblique if
most of the kinetic energy in the wind is not to be dumped into
unacceptably high amounts of heat. Hartmann & Raymond
(1988) noted that if a stellar wind of 200 km s~ ! impinges on
the disk, then only a small part of its kinetic energy (~40 km
s™1) goes into the heating that produces the observed line

Observer

1 Accretion Disk

FiG. 4—Illustration of the recollimation of a centrifugally driven, hydro-
magnetic disk wind, showing the shock geometry; reproduced from Ouyed
(1992). The inner radius of the disk is at 0.1 AU and the shock surface stands
away from the disk at a height of 16 AU, for flows with FM Mach numbers of
n, =18
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emission. Thus, any hydrodynamic theory must carefully
arrange a shock that is a largely grazing blow. The important
new feature about an MHD shock is that substantial flow
energy goes into the amplification of the postshock magnetic
field.

We model the MHD shocks in this paper as being adiabatic.
We expect this to be a reasonable assumption because observa-
tions show that the outflow and postshock gas have low ion-
ization (e.g., Natta et al. 1988). There are two channels for the
preshock kinetic energy in adiabatic shocks, namely thermal
and magnetic energy. If the gas stays neutral, one cannot soak
up the shock energy in the ionization of gas and the resulting
shock can be well described in the adiabatic approximation.
We shall assume this for the rest of the paper.

We denote all pre- and postshock variables with the suffixes
1 and 2, respectively, and components perpendicular to and
tangent with the shock front at each point by the suffixes n and
t, respectively. The mass flux as well as the magnetic flux being
conserved through the shock implies that

plvn,l =p20n.2 3 (41)
B,,=B,,=8B,. 4.2)

Decomposing the equations of motion into components
normal to and tangential to the shock,

punlor] — 2 [By) =0, @3)

1 1
(pv,)? [ﬂ +Ipl+ o [B71=0. “4)

The requirement that the tangential component of the field
be continuous through the shock (where E = —v x B/c) gives
another relation between tangential quantities,

B,[og] — pm(%) —o0. 4.5)

Finally, the energy equation for the gas can be reduced to an
equation for the shock adiabatic for a magnetized fluid,

€ —€ = (‘1‘>|:(P2 +p) + M}<i - i) . (46)
2 8n P1 P2

This completes the set of MHD shock jump conditions
required for our analysis.

4.2. A Special Case: Switch-On Shocks

In general, an MHD shock is oblique, that is, the preshock
gas will make an angle 0, # 0 with respect to the shock
normal. We expect, however, that the tangential component in
the preshock field is small,

Br,~0, By=B;,.

This, as already discussed, is expected in the preshock gas of
the focal region (by our analysis in Appendix A); the toroidal
field (i.e., the tangential component) is small compared to the
poloidal field in the preshock gas in the focal region. A much
more detailed analysis including oblique shocks will be pre-
sented elsewhere (Ouyed & Pudritz, 1993). ,

For our case, then, 6, = 0, which is known in the literature
as the so-called switch-on shock. This special case, as is well
known, is especially simple since it is completely tractable ana-
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lytically (see, e.g., Landau & Lifshitz 1960). We summarize the
basic points below, leaving the details to Appendix B.

It is convenient to define a parameter which measures the
energy in the preshock thermal gas pressure compared to mag-
netic pressure,

8np
ﬂl E—B_%l-.

Writing p, = p, ¢2; and using the scaling for p, and B, ~
By, one finds that B, oc ¢Z, r§. In general, therefore, f; may
vary from field line to field line.

For the special case that the sound speed in the wind scales
as c(ro) oc 1y !, B, = const. This is a particularly simple scaling
since it also implies that the wind everywhere has a constant
sonic Mach number v,/c, = const. In general, we expect that
the parameter f, is small because it has a negligible value in
the disk corona and is insignificant in driving the outflow (BP
and PP). It is the remaining free parameter in our theory of
forbidden line formation.

We show in Appendix B (eq. [B2]) that the density jump in
the shock is p,/p; = n?. Since n, is a constant throughout the
preshock flow, we see that the density jump across the shock is
constant over the whole shock surface. Thus variations in the
shocked gas density can only arise because of spatial variations
in the preshock wind density. The temperature jump T,/T; is
also a constant over the whole shock surface as long as the
preshock B, ~ const (see eqs. [B10] and [B11]).

The total postshock gas speed v, is exactly the Alfvén speed
in the postshock fluid, v, = B,/(4np,)*/? (eq. [B6]). The drop in
velocity as one goes across the shock is found to be v,/v, =

-2
ny “B,/B,.

The magnetic field jump B,/B; across the shock is a con-
stant independent of the value of ;. This implies that the
postshock field lines all flare out with respect to the flow axis at
the same angle. In the limit of cold MHD preshock flow that
we are considering (8, < 1), the ratio B,/B; achieves a
maximum value at a value of the compression p,/p, =
y/(y — 1) for which

B2 _ ,)) 1/2 _ _é
(EI)max‘[(v—l)] =138 (“3)’ %)

If 6, is the angle of he postshock field with respect to the
preshock field direction, then the maximum deflection angle of
the postshock field lines from the shock normal direction is

02,max = tan_l [(BT,Z/Bl)max] = tangl [(y - 1)-1/2] . (49)

For ay = 5/3 gas, this maximum angle is 6, < 50°8.

The density jump in the postshock gas is modest for an
adiabatic strong shock because in order for B,/B, > 1, the
density jump must be limited to

1<z 00X

T -

4.7)

(4.10)

This is the same limit as for purely hydrodynamic adiabatic
shocks. For ay = 5/3 gas, the maximum compression is 4.

The postshock temperature, pressure, speed, and magnetic
field strength (derived analytically in Appendix B) specialized
to a y = 5/3 gas are plotted as functions of p,/p, = n? for
various values of B, in Figures 5a-5d, respectively. The post-
shock density jump cannot be any larger than a factor of 4 for
the strongest adiabatic shocks, so that the Alfvénic Mach
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F1G. 5—a) Ratio of post- to pre-shock temperature as a function of the density jump p,/p, = n}; (b) same as (a) except for the pressure ratio p,/p, ; (c) same as (a)

except for velocity ratio v,/v, ; (d) same as (a) except for magnetic field ratio B,/B;.

number is limited to n; < 2. It should be remembered that the
FM number n, is approximately n, ~ n;.

Figure 5a shows that the temperature jump for cold pre-
shock flow is large for B, ~ 0.01, being of order 100. Since the
preshock gas is no more than several hundreds of degrees and
excitation of the lines requires shocked gas to be at ~10* K
(see next section), we therefore confirm that cold preshock
MHD flows imply the right temperature regime for forbidden
line emission. The pressure jump across the shock (Fig. 5b) is a
comparably large factor because the density contrast in the

adiabatic shock is not larger than 4 (for an adiabatic index of
5/3).

We also plot the ratio v,/v, in Figure Sc. From the curves we
see that for g, = 0.01,

vafvy =05 (ni=3), =03 (ni=4).

Since the preshock speeds are given by equation (3.10), we infer
that for the above compressions the postshock speeds for the

© American Astronomical Society ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/abs/1993ApJ...409..748G

756

innermost streamlines of the flow are in the range 250-150 km
s~ 1, as constrained by the observations.
Figure 5d shows that a maximum field strength is produced

' in the shock depending on the compression ratio. For n} ~ 2.5

this achieves a maximum for 8, = 0.01.

4.3. General Case: Obliqgue MHD Shocks

More extensive calculations of general oblique shocks reveal
that in order to have Alfvén Mach numbers n, > 2, the shock
must be oblique. Ouyed & Pudritz (1993) and Ouyed (1992)
generally find that line profiles are best fitted with 8, < 47° for

the case of n, = 2.

5. EMISSION-LINE FORMATION IN SHOCKS

We now demonstrate that the previously described disk
wind and MHD shock parameters lead naturally to the forma-
tion of double-peaked optical forbidden lines. Specifically, we
show that the range of densities and temperatures found in our
shocked disk wind model accommodates the wide range in
excitation conditions implied by the presence of [O 1], [S 1],
and [N 11] emission.

5.1. Temperature

The forbidden lines detected in the TTS winds correspond to
low-ionization species: [O 1], [O 1], [S 1], [N 1] and [Fe 11]
(see, e.g., Appenzeller & Mundt 1989). As the conditions for
collisional excitation of the [O m1] are similar to those for
[O 1], the lack of detection already indicates that the range of
temperatures generated in the shock cannot be very large. We
show that the shocks expected in recollimating flows are mild
enough that these higher ionized species do not appear.

For the low densities (N, < 10® ¢cm™3) and weak radiative
fields involved, the ionization state of the gas can be described
by what is usually called “coronal ionization equilibrium”
(see, e.g., McCray 1987). In this state the elements are ionized
only by thermal electrons. Thus, for optically thin gas, the
steady state ionization balance condition gives rise to an
expression for the number of z-stage ions. This can be cast into
equations connecting adjacent ionization states

(5.1)

where N, , and N, represent the number density of ions in the
ionization state z + 1 and z, respectively, «,, , is the recombi-
nation coefficient that includes both the radiative and the
dielectronic recombination terms, and c, .. is the collisional
ionization coefficient. The collisional recombination and radi-
ative ionization rates are considered to be small in comparison
with the foregoing rates. All the coefficients are functions of
temperature alone. Therefore the ionization equilibrium con-
strains the temperature range for the shock.

We concentrate on the O*" and S*" series because the
strongest emission lines [O 1] and [S 1] are associated with
them. The collisional ionization coefficients have been taken
from Aller (1984) and the recombination from Aldrovandi &
Péquignot (1973). As is shown in Figure 6, the range of
temperatures in which a considerable fraction of [S 1] but not
[O 1] is produced is quite small. In addition, the strength of
the [O 1] lines implies that the temperature of the postshock
gas cannot be very high. From Figure 6 we estimate that the
postshock temperature of the gas is within the range,

T, ~ 1.1-1.5 x 10* K .

Nz+1 az+l,z = Nzcz,z+1 >
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The detection of [N 11] in some sources, together with the very
low values observed for the [N 1]/[O 1] ratio (<0.07), con-
strains the temperature of the postshock gas to, T, < 1.2 x 10*
K. For this value, the ionization fraction in the wind is very
small with an upper limit f < 15% for the objects in which
[N 11] is detected.

Some of the best evidence for the existence of neutral outflow
is the work of Mitchell et al. (1988) who discovered high-speed
(~150 km s~ !) warm CO on scales less than 10'® cm from a
massive young star. The authors suggest that the CO is heated
by colliding with warm dust grains in the outflow.

Given that the appearance of singly ionized species such as
[S u] is so sensitive to the temperature, why are the tem-
peratures so “fine-tuned ” to give lines of mild excitation, and
not species such as [O 1] in this model? The basic point is that
when a flow acquires the critical value of n, ~ n; required for
recollimation, it focuses and shocks. We might anticipate that
n, will drop a little before hitting the shock, but it is clear that

ny ~np~18.

This is very modest value for the Mach number. It is the fact
that recollimation occurs at such modest Mach numbers that
ensures that the shock is not too strong, and that therefore
high temperatures do not occur. The preshock Mach number
is fixed at the specific value at which the flow starts to recolli-
mate. Thus, the temperature of the shocked gas depends only
upon the parameter ;. The plots in Figure 5a clearly show
that for a given n,, a temperature boost of about 10-100 A for
0.01 < B, <0.1. If the preshock gas is too cold (ie, f, is
smaller), the calculation shows that the amount of energy
dumped into the postshock gas is too high, and temperatures
that would allow [O 1] production could appear. Finally, we
recall that our shock theory has T,/T; = const (for constant
By)-

The observations can therefore be explained by saying that
the wind originates from a disk corona with f; ~ 0.01-0.1.
This range of values is in line with theoretical ideas about
magnetized disk coronae (e.g., BP).
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5.2. Densities

The electronic densities inferred from the [S 11] lines are
~10* cm 3. This value is very close to the critical electronic
density (N, = 1.3 x 10* cm™3) at which the forbidden lines
become rapidly weaker because collisional de-excitation
increases. However, as pointed out by Edwards (1987), the
detection of [O 1]s5,, line indicates that there have to be
regions with electronic densities as high as N, ~ 107 cm ™3 in
the wind. Therefore, there is a broad range of electronic den-
sities ~10*-107 cm ™3, in the shock region.

The excitation conditions of the TTSs can be reproduced
over a wide range of particle densities, depending only on the
amount of free energy available that can be dumped into the
gas. For shock temperatures of the order of 10* K the densities
can vary between 10* and 10% cm ™3 reproducing the observed
lines ratios (Hartmann & Raymond 1988). The ionization frac-
tion varies from 15% to 0.1% in this range. At larger densities
the [O 1]55,, becomes very intense while the rest of the lines
cannot be observed any longer. Note that at low densities the
6300 A line is much more intense than the 5577 A. However at
high electronic densities, N, ~ 1057 cm ™3, the lower levels are
thermalized and only the 5577 A is observed. This implies that
the electronic density of the wind varies over three orders of
magnitude.

The size of the region that radiates the forbidden lines can be
estimated from the emission measure of the optically thin, radi-
ating gas (see, e.g., Edwards et al. 1987). Noting that our wind
density is much larger than the one pictured by these authors,
we find applying their formula tc our higher density region
that

(5.2)

N._/N,)]~23
Tforbid = 066 AU I:M:I

1073

for gas at a density of 107 cm ™3 and at a critical ionization
level of X, ~ 1073, Of course, any emission from a more
extended jet would be in addition to that from the focal region.

5.3. Shock Geometry and Double-Peaked Line Profiles

A striking feature about the forbidden lines is that they are
generally double-peaked, with peaks separated by 200 km s~ *
(Edwards 1987, 1989). One of the peaks is typically found at
zero velocity, while the other is almost always blueshifted.
Since it is impossible for this feature of the forbidden lines to
arise as a consequence of self-absorption, a possible explana-
tion is that the lines are formed on a conical surface with a
wide opening angle o, as measured from the flow axis
(Edwards et al. 1987). The idea here is that for sufficiently wide
opening angles, a typical observer will see gas moving at differ-
ent projected speeds from the two sides (foreground and
background) of this surface. These authors find that for angles
smaller than 30°, the separation between the peaks is much
smaller than is observed. The best fits appear for 70 > «, > 40°
(o, = 90° is a hemispheric wind). However, geometric effects
alone are not sufficient to explain the double-peaked profiles
since recent work has shown that the slower velocity com-
ponent is produced in lower density gas than the higher veloc-
ity component (Mundt et al. 1990). Our model readily accounts
for this since the lower velocity material in the pre- (and post-)
shock gas is at lower density. It is also farther from the jet axis.

We have already found from our HD shock theory that the
postshock field lines are deflected making large angles with
respect to the preshock field line direction. From equation (4.9)
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this angle is
0, <51°.

Thus the opening angle that the outflowing gas in the post-
shock region with respect to the flow axis is

o =0, — 0, ~40° .

Thus, it appears that the MHD shock theory naturally
explains the origin of double-peaked line profiles as the
expanding postshock gas.

6. DISCUSSION AND CONCLUSIONS

6.1. Correlations with the IR Excess

One of the most thoroughly worked-out ideas for the origin
of the IR excess is by the reprocessing of UV and optical
photons by a surrounding dusty disk or envelope. The source
of the UV photons is usually taken to be a hot boundary layer.

The infrared excess generated through accretion has been
studied in detail (e.g., Adams, Lada, & Shu 1987; Bertout et al.
1988). Normally it is assumed that disks are dominated by
viscous torques and are heated by the dissipation of gravita-
tional binding energy released during the accretion process.
The sources of the excess are the radiation from the disk with
typical temperatures in the range of 1300-300 K (R < 1 AU),
and the reprocessing of the UV radiation released in the
boundary later near the star. In this way it is possible to repro-
duce K — L colors in the range 0.4—0.9 (Bertout et al. 1988). In
our diagram, this range of infrared colors characterizes our
type II stars. From this point of view, the correlation shown in
Figure 1 represents the increase of the wind strength with the
accretion rate. This we expect to occur in accretion-driven disk
winds.

The reprocessing of UV photons from the boundary layer
cannot explain the excess of sources with K — L > 1.0, however
(e.g., Bertout et al. 1988). These sources are located in region A
of our diagram and are characterized as having jets and/or
strong forbidden line emission. One needs to look for another
source of energy to explain this extreme excess.

We propose that the excess in energy arises from the energy
released in such shocks. We recall from section § 3.2 that the
winds can be 90% efficient in extracting gravitational binding
energy released during disk accretion. Thus estimates for the
accretion rate through Y SO disks meausure only that part of the
accretion responsible for dissipation in the disk, which may be as
little as 10% of the total rate. The apparently unexplained IR
excess then naturally arises from energy in the disk wind that is
dissipated in shocks and produces optical photons.

The IR excess may arise from the reprocessing of optical
photons released at the shock and intercepted by the dusty
accretion disk. This is plausible since the recollimation shock
stands about 20 AU off the disk surface, while the disk itself
may be at least 100 AU in extent. Disks must have enough
optical depth to hide the redshifted forbidden line emission.
Reprocessing can also occur by the dense, dusty material in the
swept-up gas shell around the bipolar flow. Finally we note
that the high density of the disk wind allows the formation of
small dust grains in the outflow that may also contribute to the
opacity in the shock region (Gomez de Castro 1993).

While it is beyond the purpose of this paper to calculate in
detail, the energetics of the IR excess can certainly be explained
on the basis of outflow energy released in the shocks. This
naturally accounts for the correlation of equivalent line width
with infrared excess.
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6.2. Evolution of Sources

How must sources evolve if we are to account qualitatively
for the trend in Figure 1?7 The observations suggest that pro-
tostellar systems start with higher accretion rates that are grad-
ually reduced with time. The hydromagnetic disk wind theory
we have employed predicts that the total mass-loss rate in the
wind scales with the disk accretion rate, M (r,) occ M,. Thus, if
protostellar disks evolve toward lower accretion rates, the wind
mass-loss rate must be reduced with time. This fits in well with
our current understanding of mass-loss trends in TTSs.

If the accretion rate falls with time, then we can use the
scalings of disk wind theory given in § 3 for the terminal speed
v, and wind density N,(r,) to predict evolution of the flows.
We recall from equation (3.8) that v, oc € ! oc B2/M,. Thus jet
velocity is also sensitive to the magnetic field in the disk. The
field may also decay with time due to the process of ambipolar
diffusion. Using a convenient expression for the ambipolar dif-
fusion time given by McKee et al. (1993),

famp = 0.74 x 10°%(K;_/1)(108/ny)*/? yr , (6.1)

we find that the diffusion time is of order 2.2 x 10* yr for the
expected condition of disks. Thus, the reduction of surface
density and disk magnetic field can be expected to occur on
time scales of order 10*-10° yr.

Thus, it is likely that both the disk accretion rate and the
fiducial field strength decrease with time. Unfortunately, there
is still no reliable observational or theoretical result by which
M, can be computed as a function of time. If we speculate that
B?/M, increases with time, which is to say that the mass accre-
tion rate falls more quickly with time than the disk field, then
v, Will increase with time. This would imply that the magnetic
focal point remains a fixed feature of all the sources in our
Figure 1. At the same time, the wind density N, oc M4/B? will
likely strongly decrease with time. The optical forbidden line
emission would then gradually disappear because the gas
becomes both hotter and less dense during the evolution of the
disk to smaller field and accretion rate. Finally, equation (3.11)
informs us that the jet radius would strongly increase as time
goes on, becoming perhaps at least 20 AU in width. We
emphasize that without further constraints, the opposite case
to the above might also be true; the terminal speed could
decrease with time, which would have the effect of discouraging
shocks. Clearly observational constraints are required on the
disk accretion rate as a function of time before we can make
more precise statements.

6.3. Conclusions

We have shown that the data argue against stellar hydro-
magnetic winds as the drivers of the underlying outflows. The
reason is that the optical emission lines and stellar rotation
speeds appear to be completely uncorrelated with one another.
Since in any model the emission lines are produced as a conse-
quence of outflow, and since rotation is an important ingre-
dient of a centrifugal wind, stars seem to be an untenable
source for the winds. Keplerian disks on the other hand, make
excellent centrifuges, and we have shown that such winds may
constitute the simplest mechanism that is consistent with all of
the ever growing number of observational facts.

We have employed a comprehensive theory of hydro-
magnetic winds from Keplerian accretion disks (PP) that
shows that such flows naturally recollimate and form MHD
shocks at focal points. We have shown that the properties of
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the wind, as well as those of the MHD shock, readily explain a
wide variety of the known facts about forbidden line emission
in young stellar objects. The underlying wind theory depends
upon only two parameters. These are chosen in such a way so
so as to explain the observed thrust seen in larger scale CO
outflows. We have shown that the conditions in such a disk
wind are then ideal for the formation of forbidden lines at the
focal points.

The theoretical model predicts that recollimation of the flow
occurs when it reaches a very modest magnetic (FM) Mach
number of n; ~ 1.8. Flows that don’t achieve this value only
collimate into cylindrical flows and do not shock. The highly
collimated disk outflow achieves very high densities ~107
cm ™ in the inner regions of the flow (0.1 AU) and drops to
~10* cm ™3 in the outer parts of the flow (2 AU). In adiabatic
MHD shocks, the density increase across the shock is at most a
factor of 4, so the range in densities probed by the forbidden
lines reflects the large range in density that occurs in the under-
lying disk wind. We anticipate that the [S 1] lines which are
excited at modest densities (~10* cm~3) are produced in the
outer parts of the shock (1 AU) while the [O 1]55,, lines are
produced, under the aforementioned conditions, in the inner-
most portions (0.3 AU).

The focal points themselves are not much larger than ~0.5
AU in radius and stand above and below the disk at about a
distance of >16 AU. Typical shock temperature of 10* K are
readily achieved, and we used a simple, adiabatic MHD shock
theory to analytically derive most properties. Higher excitation
species such as [O n1] are not produced if the preshock flow is
sufficiently magnetized; 0.01 < 8, < 0.1.

The gas remains largely neutral through the shock, and the
electron fraction is X, ~ 107!, The primary advantage of
MHD shocks over hydrodynamic ones is that much of the flow
energy goes into the formation of a strong, postshock field.
Thus, the shocked gas does not have to be as emissive as in the
purely hydrodynamic theory, even for shocks that are only
slightly oblique. In this sense MHD shocks are much more
robust and do not require fine tuning to reproduce the data.

We propose that fully developed optical jets originate at the
focal points as well. Jets arise in those sources whose outflows
could repeatedly recollimate and shock after the first focal
point has been passed. Evolution of jets and FLERs depends
both upon the evolution of the disk magnetic field, and the
accretion flow through the disk. However, there is too little
quantitative observational information available at this time to
pin down the exact sense of the evolution.

The high efficiency of hydromagnetic disk winds in extract-
ing gravitational binding energy implies that estimates of mass
accretion rates in disks based on strictly viscous accretion
models may underestimate the mass accretion rate in proto-
stellar systems by factors of 5 or larger.

Finally, we suggest that the infrared excess of deeply embed-
ded objects arises from the conversion of some of the mechani-
cal energy in flows into shock heating. Reprocessing of the
optical and UV photons produced in this manner, by dust in
the dense accretion disk and/or swept-up shell the flow, would
convert this flux into the observed IR excess.

We have benefitted from stimulating conversations with
Sylvie Cabrit, Lee Hartman, Suzanne Edwards, Scott Kenyon,
Reinhard Mundt, Rachid Ouyed, Guy Pelletier, and Alejandro
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APPENDIX A
SHOCKS AT FOCAL POINTS

We first determine the rotation frequency Q of material at the radius of the focal point. To do this, we employ the solution for the
toroidal velocity (again from ideal MHD), written as

Q=Q,(1 -9, (A1)
where the function g is to be evaluated in the super-Alfvénic limit m? » 1,
g =@ —r)ir (A2)

(these results corresponds to PP, egs. [2.6] and [2.8], respectively). Equations (A1) and (A2) show that super-Alfvénic flow cannot
focus to radii less than the Alfvén radius, since Q < Q, implies that r > r,. Thus, along each flow line, the radial position of the
shock at the focal point is expected to be r,, ~ r,(1 + €) where e < 1.

We now evaluate the toroidal field of the preshock disk wind in the focal region. We first note that one of the basic consequences
of the induction equation is Ferraro’s law,

Byv,=(Q—QrB,, (A3)
which is reiterated in PP (eq. [2.4]). The relative strength of the toroidal to poloidal field components is then just
By/B, = (Q — Qu)r/v, .

Substituting the expression for the angular velocity of the gas into that of the toroidal field, one then finds

By/B, =~ [Q, ra/v,(rs)]2€ (A4)
at the focal radius. Noting from the Bernoulli theorem however that in this region v, = v,, ~ 22 Q, r,, we obtain
B,/B,~2"% < 1

on each field line in the focal region.

APPENDIX B
SWITCH-ON MHD SHOCKS

The condition that there is a negligible tangential component of the preshock field allows us to eliminate the tangential velocity
jump between equations (4.4) and (4.5) to find the relation

BZ
(bv? = p2 3" (B1)

These are two important consequences of this result. Using equation (4.1) we find from equation (B1) that the density contrast across
the shock is

—_—=— (B2)
p, 4mp, 012.‘1 n}

Another application of equation (4.1) to equation (B1) reveals that the normal component of the postshock gas moves off at the
postshock Alfvén velocity,

B
"2 = g, ®9)

From the continuity equation and (B2), we then also have that
Pnt _ 2 (B4)

Un,2
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We see that for large preshock magnetic Mach numbers n,, the normal component of the flow is greatly reduced. However, the
flow in going through the shock acquires a large tangential velocity component. This arises, as we shall see, because a large
postshock tangential field develops. The postshock tangential speed is determined using equation (4.3),

By
2 = g )
where we have used equation (B2) as well. Thus, the postshock gas expands at the Alfvén speed in the tangential direction. The total
speed of the postshock gas is therefore
B,

v, =2, +v5) P = Gnp,) (B6)

where we use equations (B4) and (B5), and where B, is the total postshock magnetic field strength.
We calculate the ratio of the post to preshock gas speed using equation (B6) to find

=B (B7)

where we remind the reader that v; ~ v, ;. Since the postshock gas must in general move more slowly than the preshock gas, this
result shows that the field can be very strongly amplified in the shock, that is B, < n? B,. The energy source for this is of course the
kinetic energy of the preshock material.

The pressure jump across the shock is of direct observational significance since from the optical forbidden lines, one has some
estimate for N, T. In order to find it in terms of the density jump (thereby finding the Hugoniot relation for magnetized gas), we
must solve for the jump in the magnetic field strength across the shock. To do this, we use equation (4.4) and equation (B1) and find
that

B] D2
B—f=(2nf - 1)—131(1)—1—1 , (B3)
where the ratio of thermal to magnetic energy in the preshock flow is

8np,
B, = B2 <1.

1

The preshock plasma f is small since our flow is a very cold MHD disk wind in which pressure plays an insignificant role in driving
the gas. The value of the postshock tangential field is readily obtained from equation (B8) and B}, , = B — Bj.

We can now solve for the pressure jump across the shock. As is standard for hydrodynamic shock theory, one starts by writing
down the energy equation for the gas and in so doing find, the shock adiabatic of the magnetized gas. From the internal energy
equation (Landau & Lifshitz), equation (4.6) in the text, one wants to solve for the magnetic Hugoniot adiabatic. As usual, one
assumes the form for the internal energy

€= P
(y—1p’

(B9)

where y is the adiabatic index.
We can use equation (B8) to eliminate the magnetic field jump in equations (4.6) and (B9) to eliminate the pressure. After some
algebra one finds the result that the pressure ratio across the shock is

(y — D} — 1)° _

D2 2
—==1+mi—y+ (B10)
D1 ! B
The results shows that the temperature jump across the shock is then
T, 1
2 _Bh B (B11)

We next calculate the amplification of the field in going through the shock. Substituting equation (B11) into equation (B8) one
obtains
B . 2
2=~ 0= Dni+92—Bni — (1= By (B12)
1

Finally, we can calculate the postshock deflection 6, of the magnetic field lines from the expression 6, = tan~! [By, ,/B,]. This
may be calculated from equation (B12).
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